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Abstract

Throughout their life cycle, stars leave a legacy of evolving chemical compositions within the
interstellar medium (ISM). In this evolving chemical landscape, Nitrogen (N) is particularly
intriguing. Nitrogen is critical for the formation of essential biomolecules such as amino
acids and nucleobases. Among the several N-bearing species, ammoniagjSkands out for
several reasons. It has been observed across a variety of sources, is one of the few species
detected both in the gas-phase and within ices, is a robust temperature probe, and a reliable
tracer of the densest parts of star-forming regions. Despite its importance, the chemistry of
NHj3, particularly on grain surfaces, remains little explored, highlighting a signi cant gap in

our understanding of interstellar nitrogen chemistry.

In this thesis, | examine the surface chemistry of NHduring the earliest stages of star-
formation. | employ a combination of experimental and modelling techniques. In the rst
part of this study, | perform experiments to study the impact on the desorption of Nklin
mixed ices composed of #D, CO, and CGO,. | also estimate the binding energy of Nklon
two types of ices - compact Amorphous Solid Water (c-ASW) and crystalline ice (CI). The
presence of KO lowers the desorption rate of NH and traps a fraction of the adsorbed NEl
On each type of water ice, NH has a distribution of binding energies, rather than a single
value as suggested in literature. The results indicate that NfHcan remain on dust grains
over a broad range of temperatures and may lack a de nitive snowline, with its desorption
being signi cantly in uenced by its chemical environment.

In part two, | incorporate the experimentally determined values of Nkl binding energy into

a model of a pre-stellar and a protostellar core and use a gas-grain chemical code to evaluate
how varying the binding energy impacts NH abundances in these sources. In pre-stellar
cores, changing the binding energy did not a ect gas-phase Nidbundances. In protostellar
cores, higher binding energy values led to lower gas-phase abundances of &itdl a decrease

in the size of the NH desorption zone while lower values produced the opposite e ect. The
impact of these variations is further explored through radiative transfer modelling of the
NH; (1,1) transition. These binding energy dependent variations in NHabundances also

a ect the abundances and formation of other species chemically linked to NH

In part three, NH3; formation on grain surfaces via successive hydrogenation of N atoms
is explored, with a specic focus on its formation in cold, dark molecular clouds. This
part of the research integrates experimental techniques with modelling. The experiments
involve depositing nitrogen and hydrogen atoms onto a surface maintained at 10 K and
monitoring the process using Fourier Transform Infrared (FTIR) spectroscopy. In parallel,



the modelling aims to simulate these experiments by developing a custom chemical network
of nitrogen, hydrogen, and related species and tracking the hydrogenation process using a
gas-grain chemical code. | present the results of the calibration for both the experimental
setup and the models. Additionally, | outline the forthcoming steps for this project, which

is innovative in its attempt to bridge the gap between simulations and experiments.

In the future, addressing several key areas, including examining a range of binding energies
for NH3 in models, investigating the behaviour of Nkl in ices with other compounds such
as CH, and CH;OH, and understanding how various physical and chemical conditions in-
uence NH; formation on grain surfaces, could signi cantly improve our understanding of
NHz chemistry. Additionally, expanding research to include other N-bearing species, such
as cyanides, nitriles, and more complex amines, will o er a deeper insight into nitrogen
chemistry in the ISM.

Keywords: Astrochemistry { Ammonia { Binding Energy { Experiments { Astrochemical
Modelling { Prestellar cores { Protostellar cores



Resune

Lesetoiles enrichissent le milieu interstellaire (ISM) enekments chimiques tout au long de
leur cycle de vie, notamment en azote (N), uneement ck dans la formation de biomokcules
comme les acides amires. Parmi les especes azoees, I'ammoniac gNEist particulerement
notable, cetecea la fois en phase gazeuse et dans les glaces, et jouant un réle crucial dans
les egions de formation stellaire. Pourtant, la chimie de surface de NHeste peuetudee,
laissant une lacune importante dans notre compehension de la chimie de I'azote dans I'|SM.

Cette these explore la chimie de surface de NHors des premeresetapes de la formation
stellaire en combinant experiences et mocklisation. Dans la premere partie de cetteetude,
mes experiences ont monte que la cesorption de NElest in uenee par la composition des
glaces mixtes, comme celles contenant@, CO, et CO,. Jai cetermire que NH ; pesente
une distribution denergies de liaison sur dierents types de glaces - I'eau solide amorphe
compacte (c-ASW) et la glace cristalline (CI)- plutdt qu'une valeur unique. Ces esultats
indiquent que NH; peut rester sur des grains de poussere sur une plus large gamme de
temperatures et peut ne pas avoir de limite de neige ¢ nitive, sa cesorptionetant signi ca-
tivement in uenee par son environnement chimique.

Dans la deuxeme partie, j'inegre les valeurs cetermirees exgerimentalement de lenergie de
liaison de NH; dans un mockle physique de noyau pe-stellaire et protostellaire. J'utilise
un code chimique gaz-grain pourevaluer |'e ect de la variation de lenergie de liaison sur
I'abondance de NH dans ces sources. Dans les noyaux pestellaires, la modi cation de
lenergie de liaison n'a pas a eck I'abondance de NH en phase gazeuse. Dans les noyaux
protostellaires, des valeurs denergie de liaison plus elevees ont conduita une diminution
de l'abondance de NH en phase gazeuse eta une diminution de la taille de la zone de
tesorption de NHg, tandis que des valeurs plus faibles ont produit I'e et inverse. L'impact
de ces variations est exploe plus en cketail par la mocelisation du transfert radiatif de la
transition NH3 (1,1). Ces variations de I'abondance de NHdEependantes de lenergie de
liaison a ectentegalement I'abondance et la formation d'autres especes chimiquement lees
a NH .

Dans la troiseme partie, j'explore la formation de NHa la surface des grains de poussere
dans les nuages mokculaires froids et sombres, via I'hydrogenation d'atomes d'azote. Cette
partie inegre des techniques experimentalesa la mocklisation. Les exgeriences impliquent
le cepbt d'atomes d'azote et d'hydrogene sur une surface maintenuea 10 K et la surveil-
lance du processusa l'aide de la spectroscopie infrarougea transfornmee de Fourier (FTIR).
Paralelement, la moctlisation visaita simuler ces exgeriences en ceveloppant un eseau



chimique personnalie d'azote, d'hydrogene et d'especes apparenees et en suivant le pro-
cessus d'hydrogenation a l'aide d'un code chimique gaz-grain. Je pesente les esultats
de letalonnage pour la con guration experimentale et les mockles. De plus, je decris les
prochainesetapes de ce projet, qui est innovant dans sa tentative de combler le fosse entre
les simulations et les experiences.

A l'avenir, I'examen de plusieurs domaines cks, notamment I'examen d'une gamme déenergies
de liaison pour NH dans les mockles, letude du comportement de NEldans les glaces avec
d'autres composes tels que Chlet CH3;0OH, et la compehension de la manere dont diverses
conditions physiques et chimiques in uencent la formation de N§ur les surfaces des grains,
pourraient aneliorer consicerablement notre compehension de la chimie du NiH De plus,
lelargissement de la recherchea d'autres especes porteuses d'azote, telles que les cyanures,
les nitriles et les amines plus complexes, o rira un apercu plus approfondi de la chimie de
l'azote dans le milieu interstellaire.

Mots cés: Astrochimie { Ammoniac { Energie de liaison { Experiences { Mocklisation
astrochimique { Noyaux pestellaires { Noyaux protostellaires



Theoretical Background

1.1 The Interstellar Medium

Stars are the fundamental building blocks of the universe, playing a crucial role in its evo-
lution and composition. The most abundant element, hydrogen (H), was created during the
Big Bang, along with smaller amounts of helium (He), deuterium (D), and trace quantities
of lithium (Li). The creation of other essential elements, such as carbon (C), nitrogen (N),
oxygen (O), and heavier elements (collectively known as metals), occurs within the cores of
stars in a process called nuclear fusion, where atomic nuclei are fused to form new atomic
nuclei. Stars enrich the medium surrounding it through stellar winds and supernovae (the
dramatic endpoints of massive stars). Therefore, understanding the formation and lifecycle
of stars is essential for comprehending the complex and dynamic nature of our universe.

The space between stars, known as the Interstellar Medium, is lled with gas and dust.
Gas constitutes 99% of the ISM by mass, while dust makes up the remaining 1%. Of
the gas, 70% is hydrogen, 28% is helium, and 1.5% consists of heavier elements. Dust
grains are typically composed of carbonaceous material or silicates. Interstellar matter is
not uniformly distributed throughout a galaxy; instead, it is concentrated in clumps and
laments of various scales, part of larger structures called molecular clouds. Stars are born
from the ISM, speci cally in the densest and coldest regions of these clouds.

The ISM exists in di erent phases, each in pressure equilibrium with the others, and is
categorised based on whether the matter is in atomic, ionised, or molecular form. The
Warm lonised Medium (WIM) has a temperature of approximately 8000 K and a volume
number density of about 0.3 cm?, with hydrogen typically in ionised form. The WIM can be
observed using H emission or pulsar dispersion methods. Thé&arm Neutral Medium
(WNM) has a similar temperature but a slightly higher number density of around 0.5
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Figure 1.1. lllustration depicting main stages of low-mass star formation. Source: Sahoo (2016).

cm 3, with most of the hydrogen in atomic form. TheCold Neutral Medium (CNM) ,in
contrast, has a temperature of about 100 K and a number density between 30 and 50 ém
Both the WNM and CNM can be traced by the 21 cm line of atomic hydrogen in absorption
or emission, as well as by optical and ultraviolet(UV) absorption/emission lines of various
elements towards background stars. Theolecular phase , where hydrogen is in molecular
form (H,), has temperatures ranging from 20 to 10 K and densities between®*+01(° cm 3.
This phase is traced, for example, by the CQ = 1-0 transition at 2.6 mm. The molecular
phase is particularly signi cant for star formation, as stars form within these dense and cold
regions.

1.1.1 A Star is Born

Stars form due to the gravitational collapse of dense cores, known pestellar cores in
molecular clouds. The mass of these dense cores dictates the evolutionary path of the stars
that form from them. Stars can broadly be classi ed into two types based on their mass:
high mass (greater than 8 M) and low mass (less than 2 M)?.

The formation of high-mass stars is still poorly understood. These stars begin fusion in their
cores and evolve into the main sequence stage within a short time frame of approximately 10

1Stars between 2 and 8 M are called intermediate-mass stars
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(@) (b) (c)

(d) (e)

Figure 1.2: Spectral energy distributions at various stages of star formation. Source: Persson
(2014)

years while still embedded in their parent cloud core. They emit intense UV radiation, leading
to the creation of HIl regions and photodissociation regions (PDRs) around them. The region
surrounding the central protostar, characterised by high temperatures and densities, is known
as a hot core. The lifecycle of a high-mass star typically ends as a neutron star or a black
hole. High-mass star-forming regions are statistically located further away than low-mass
star-forming regions, and high-mass stars are far fewer than their low-mass counterparts,
which adds additional constraints to studying their formation.

In contrast, low-mass protostars take much longer, around 16 1 years, to evolve into
the main sequence stage. Similar to high-mass protostars, hot core-like chemistry has been
detected in their central regions, which are rich in complex organic molecules. These regions
are referred to as hot corinos (Cazaux et al. 2003). The Sun and our solar system are believed
to have formed from such a type of protostar.

Low-mass stars form from the collapse of dense cores, (Fig. 1.1 a and b) that are charac-
terised by low temperatures ( 6 K, Pagani et al. (2007)) and high densitiesX 10° cm 2,
Keto & Caselli (2008)). This collapse is isothermal because the core is e ectively cooled by
molecular line emission (mainly CO) and by dust grains. The spectral energy distribution
(SED) lies primarily in the far-infrared, as shown in Fig. 1.2a. As the density of Hin the
center increases beyond 1cm 2 (Larson 1969), the opacity of the core increases. Due to
this increase in opacity, radiation is trapped within the cloud, raising the temperature of
the central region of the core. When the central temperature exceeds 1500 K, lbgins to
dissociate, a process that consumes a signi cant amount of energy. This energy consumption
reduces the pressure stabilising the core during collapse, accelerating gravitational contrac-

8
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tion and leading to a second collapse that forms a protostar (Fig. 1.1c). The protostar
continues to grow as gas accretes onto it, still remaining deeply embedded in its envelope.
The object is classi ed as aClass 0 source (Fig. 1.2b).

To conserve angular momentum, the infalling material forms a attened disk around the
protostar while simultaneously releasing jets perpendicular to this disk. At this stage, the
object is classied as aClass | source (Fig. 1.2c), with emission primarily in the far-
infrared and weak emission in the near-infrared, originating from the surrounding dust and
gas. Eventually, the gaseous envelope dissipates as it is accreted onto the protostar. Quasi-
static contraction increases the central temperature of the protostar, with heat transported
to the surfacevia convection. Most of the material from the parent cloud has dissipated,
leaving behind a small disk known as a protoplanetary disk, where planetary systems can
form. At this phase, the object is aClass Il source (Fig. 1.2d) and is called a classical
T-Tauri star (Fig. 1.1d and e). The central star, now a pre-main sequence source, becomes
visible in the optical range along with mid-infrared emission from the disk. Finally, the
remaining disk clears up, leaving behind a planetary system (Fig. 1.1f). At this stage, the
emission is mainly from the central star, which is classi ed as@lass Il source (Fig. 1.2e),
indicating that most of the surrounding material has been accreted or dispersed.

1.1.2 Cloud instability and collapse

The dynamics of molecular clouds are dominated by gravity. To understand this, let us
consider the simplest case where the only forces within a cloud are the gas thermal energy
(U) acting outwards and the gravitational potential energy () acting inwards. If the cloud

is in hydrostatic equilibrium, this balance can be expressed using the virial theorem as:

2U+ =0 (1.1)

In this context, U represents the total kinetic energy of the gas particles. The virial theorem
states that for a system in equilibrium, the thermal energy is balanced by half the magnitude
of the gravitational potential energy. It indicates that if the thermal energy is not su cient

to balance the gravitational pull, the cloud will collapse under its own gravity. Conversely, if

the thermal energy is too high, the cloud will expand. Understanding this balance is crucial
for studying the stability and evolution of molecular clouds and the star formation processes
within them.

For a typical molecular cloud of masd$V, radius R, and temperature T, assuming spherical
symmetry, the gas thermal energy and the gravitational potential energy can be expressed
as follows:

_ 3MkgT

U
2m

(1.2)

and,
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GM?2
R

(1.3)

wherekg is the Boltzmann constant, G is the gravitational constant, is the mean molecular
weight and my is the mass of the hydrogen atom. The ratio of thermal energy to gravitational
energy is:

! ! ! !
U, aMkeT GMZ P, T R Mo
j ] 2m R 1K 25c  10M

(1.4)

From eq. 1.4, for conditions that are typical in molecular clouds, such as a giant molecular
cloud (T 15K,R 25pcandM 1C(°PM ), thermal support against gravity is very small.
This encourages the collapse of the cloud leading to the formation of stars. When a cloud
collapses due to self-gravity, the time scale for the collapse can be given by the free-fall time
scale,  as

I 1

3

"= 3 ; (1.5)
where is the density of the cloud, assuming a spherical homogeneous cloud. This free-fall
time scale provides an estimate of the time it takes for a cloud to collapse under its own
gravity in the absence of other forces. Observations have revealed molecular clouds with ages
far greater than those estimated based on the free-fall timescale under typical molecular
cloud conditions. Additionally, the star formation rate based on the free-fall timescale is
two orders of magnitude higher than the observed rate (Robitaille & Whitney 2010). This
suggests that other forces must be present to stabilise the molecular cloud against collapse
and consequently regulate the star formation rate.

In the initial assumption, contributions from non-thermal motions, K (such as turbulence
and the rotation of the cloud), and the magnetic eld,M , within the clouds have not been
included. When these factors are incorporated, a more complete form of the virial theorem
can be expressed as:

20U+ + K+M =0 (1.6)

A detailed discussion of the implications of non-thermal motions and the magnetic eld is
beyond the scope of this thesis and is therefore omitted.

The maximum size a cloud can reach before it collapses is determined by two parameters,
the Jeans Mass(M;) and the Jeans Length (;). The Jeans Length gives the maximum
stable size, while the Jeans Mass determines the maximum stable mass a cloud can have
such that it is still stable against collapse. Using the virial theorem, these two parameters
can be derived as:

10
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1
M, 2M 1.7
J 15K 1CBcm 3 (1.7)

N|=
[N

n
15K 10cm 3

3 0:3pc (1.8)
Both of these equations indicate that low temperatures and high densities favour collapse.
Lower temperatures reduce the thermal pressure opposing gravity, while higher densities
increase the gravitational pull within the cloud.

1.2 Chemical reactions in the interstellar medium

The ISM presents a rich repository of chemical species, with over 300 molectibstected so

far. This richness is a consequence of various chemical processes occurring within the ISM.
These processes can be broadly categorized into two types: gas-phase reactions and grain-
surface reactions. In the following sections, we will explore the di erent processes under each
of these categories.

1.2.1 Gas-phase Reactions

Let us consider a bimolecular reaction of type A+ B! C + D. In terms of the reactants,
the rate of change of their abundances can be given as:

diA] _ dB] _
G g = KAIB] (1.9)
Similarly, the rate of formation of the products can be expressed as:
d[C] _ d[D] _
a - dt K[A][B] (1.10)

where [X] represents the number density of speci¥s expressed in cm?, and k is the rate
constant, which is a measure of how fast a reaction proceeds under the given conditions,
and is typically expressed in crhs 1. The larger the value ofk, the faster the reaction
usually proceeds. The negative sign in eq. 1.9 indicates the decrease in the abundances of
the reactants A and B as the reaction proceeds.

Similarly, for a unimolecular reaction, the rate can be given as:

diA] _ .
AL (1.11)

In this case, the rate constank has the units s?.

2https://cdms.astro.uni-koeln.de/classic/molecules
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Gas-phase reactions can be further subdivided into three categories based on their e ects on
chemical bonds: formation, destruction, and rearrangement (Fig. 1.3). Bonds are formed
through processes such as radiative association and associative detachment, leading to the
creation of both simple and complex species. Conversely, reactions such as photodissocia-
tion and dissociative recombination destroy bonds, resulting in the fragmentation of species.
Reactions like ion-molecule exchange, neutral-neutral interactions, and charge transfer re-
arrange the chemical bonds of the reactants to create new species. A summary of these
reactions is provided in table 1.1.

Table 1.1: Types of gas-phase reactions in the ISM along with their typical rate constants

Rate constant

Category Type of reaction Reaction (cmds 1)

Radiative Association A+B ! AB+h 10 7 {10

Bond Formation Associative Detachment A +B ! AB+e 10 °

Photodissociation
Bond destruction Dissociative
recombination

AB+h ! A+B 101%1°{108®
A*+e! C+D 107{10°6

lon-molecule A*+B! C"+D 10°{10°
Bond rearrangement Neutral-neutral A+B ! C+D 10 {10 °
Charge transfer A*+B! A+B*? 10 °

(8 photodissociation rate constants have units of s, because they are unimolecular reactions

Bonds are formed when two species approach, interact, and the resultant excess energy is
carried away by collision with a third body. Even in the densest parts of the ISM (like pre-
stellar cores) where densities can reach up to®6m 2, such collisions are very unlikely as
the densities are not su cient for three-body collisions. In the absence of such a third body,
the excess energy is carried away either by a photon (radiative association) or an electron
(associative detachment).

In radiative association , two species collide and form a momentary activated complex.
The excess energy generated is distributed among the di erent vibrational modes of this
complex. If the energy is concentrated along vibrational modes that favour the dissociation
of the complex, it leads to dissociation back into the initial reactant species. The probability
that the formed complex will dissociate decreases for larger molecules due to the availability
of many vibrational modes. The rate constant for radiative association is typically between
10 ¥ and 10 * cm® s 1. In associative detachment , an anion reacts with a neutral
species, resulting in the formation of a neutral species and the ejection of an electron from
the anion. These reactions can occur quite rapidly, with a rate constant of approximately
10 °cm®s 1.

Interstellar space is rich in ultraviolet (UV) photons, with an estimated density of around
1 photons cm ? s ! sr ! (Habing 1968; Draine 1978). Molecules in the ISM can absorb
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Figure 1.3: Schematic representations of gas-phase reactions. Soura®berg & Bergin (2021)

these UV photons and undergo dissociation through a process callgubtodissociation

In the case of molecular hydrogen, dissociation takes place whesniH a dissociative excited
electronic state dissociates into H atoms. In the di use medium or at the edges of clouds,
these UV photons primarily originate from stars such as OB stars. Additionally, shocks
contribute to UV photon production through the collisional excitation of H atoms or the
recombination of H ions.

UV photodissociation plays a crucial role in breaking molecular bonds, particularly near
di use clouds where densities can be as low as a few tens of atoms per nor at the edges
of molecular clouds where UV photons can easily penetrate. Since molecular bond energies
typically range from 5 to 10 eV (corresponding to wavelengths of approximately 3000 A or
shorter), UV photodissociation is a dominant destruction mechanism for molecules in these
regions, with typical rates between 10° and 10 ° s 1. Within the interiors of molecular
clouds, the UV photon ux is reduced due to attenuation by dust and self-shielding by
abundant species (like B). However, UV photons are still present in these regions, primarily
due to cosmic rays. When a cosmic ray enters the cloud, it ionises the surrounding ds,
generating energetic electrons. These electrons electronically excitg tdolecules, which
then decay radiatively, emitting UV photons. Cosmic rays can penetrate deep into the
cloud, providing a constant source of UV photon intensity. The e ective photodissociation
rate constant within cold clouds can be represented as:

Kpa = aexpg bA/]; (1.12)

wherea is the unshielded photodissociation rate constanh is a constant dependent on the
molecule and the adopted grain model, and, is the visual extinction due to dust.

Bonds can also be broken throughissociative recombination . In this process, a cation
and an electron react to form a neutral species in an excited electronic state. This neutral
species disintegrates into smaller fragments to conserve energy and momentum. This process
is important to produce neutral species from molecular ions in interstellar clouds. For large
molecules such as polycyclic aromatic hydrocarbons (PAHSs), the energy in the excited elec-
tronic state of the resulting neutral species is distributed across various vibrational modes.
This vibrational energy is subsequently emittedvia infrared (IR) radiation. The rate con-
stants for these reactions are typically around 10 cm® s 1, with a temperature dependence
varying between T = and T 1.

13
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lon-molecule reactions are crucial to the chemistry in cold, dark clouds. These ions are
generated through collisions with cosmic rays. When an ion approaches a neutral molecule,
the electric eld of the ion induces a dipole in the neutral species. This polarization-induced
interaction potential is generally su cient to overcome activation barriers, allowing the re-
action to proceed, particularly if it is exothermic. The rate constant for these reactions,
known as the Langevin rate, is expressed as:

1=2

kk=2e — ; (1.13)

where represents the polarizability of the neutral species andis the reduced mass. These
reactions proceed rapidly, generally with rate constants around 1®cm? s 1. The presence
of a permanent dipole in the neutral species can further increase these rates. In such cases,
the reaction rate constant is given by:

(U . !

kdip =2e@ _ + p — A (1.14)

where p is the dipole moment of the neutral species. Under these conditions, the value of
the rate constant can reach up to 10’ cm® s 1. The rate constants of ion-molecule reactions
are approximately two orders of magnitude higher than those of neutral-neutral reactions.
Consequently, ion-molecule reactions are signi cant drivers of interstellar chemistry.

Neutral-neutral  reactions possess a signi cant activation barrier due to the necessary
breaking of bonds before rearrangement can occur. As a result, they become important
in hot cores of protostars, shocks, and photodissociation regions near highly luminous stars,
where the higher temperatures help overcome this activation barrier. In cold and dark envi-
ronments like dark clouds or pre-stellar cores, only neutral-neutral reactions involving atoms
or radicals with a single unpaired electron are signi cant. These unpaired electrons make
the species highly reactive. Studies by Shannon et al. (2013) have shown that reactions
between a radical and a neutral species can proceed at elevated rates due to quantum me-
chanical tunnelling through the activation barrier. The typical reaction rate constants for
neutral-neutral reactions under these conditions are of a few 1§ cm® s 1.

Charge-transfer reactions involve an ion taking an electron from an atom or a molecule.
This type of reaction is important for maintaining the ionisation balance in the ISM, for
example, of trace species in Hll regions. Rate constants can be of the order of°1€m® s 1.

1.2.2 Grain Surface Reactions

Though comprising only about 1% of the ISM by mass, dust grains ( g. 1lé&ft) play a crucial

role in its chemistry. These sub-micron-sized particles, typically composed of carbonaceous
material or silicates, such as MgFe, »SiO,, pyroxenes, and olivines, are formed by the
condensation of atoms or molecules ejected during supernova explosions or from the outer
layers expelled by asymptotic giant branch (AGB) stars. Dust grains shield the interiors of
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Figure 1.4: Left: Image of an Interplanetary Dust Particle (IDP), which could be a composite
of interstellar dust grains, Source: Jessberger et al. (2001)Right: Schematic depicting the major
components of ice around a dust grain and the various pathways for ice processing in astrophysical
environments. Source: Burke & Brown (2010).

molecular clouds from UV radiation, allowing molecules to survive longer in these regions
than in di use clouds. This shielding facilitates the formation of complex molecules (such

as complex organic molecules; COMSs), that are abundant within these clouds. Additionally,
the formation on dust grains is essential to explain the creation and observed abundances of
several species detected in the ISM. Dust grains provide surfaces where species can meet and
react, and act as sinks for the excess energy produced in molecular reactions. The dissipation
of excess energy stabilises the products formed. In this manner, dust grains contribute to
the enhancement of the chemical richness of the ISM, especially under the cold conditions
found in molecular clouds.

In dense regions of molecular clouds, where temperatures can be as low as 10 K, dust grains
are often enveloped by molecular species accreted onto the grain. Under these conditions,
the ice is mainly composed of §D, followed by CO, CQ,, NH3, CH30OH, and CH,; (together
referred to as volatiles), forming a \dirty" mixture (Fig. 1.4 right). The accreted species can

di use on the ice surface and react with other species, enriching the chemical composition
of the ice. Reactions on the ice can also be triggered by cosmic rays or UV irradiation. The
various chemical processes on dust grains are elaborated in the following sections.

Adsorption

Grain surface chemistry begins with the accretion of species from the gas-phasa collisions,
onto dust grains, where they stick to the surface { a process calladsorption . Species are
adsorbed onto local minima of the interaction potential between the species and the surface,
called sites. Adsorption can be classi ed gshysisorption or chemisorption based on the
depth of the potential well. Physisorption (Fig. 1.5a) involves Van der Waals or electrostatic
forces, with well depths between 0.01 - 0.2 eV (100{2000 K), while chemisorption (Fig. 1.5b)
involves the formation of chemical bonds with well depths of approximately 1 eV (10,000 K).
The temperature below which a species is e ciently adsorbed onto the grain surface is known
as theadsorption temperature
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Figure 1.5: A schematic illustration of physisorption (a) and chemisorption (b). The adsorbate
is represented by the blue sphere, and the substrate is shown as the green line. In physisorption,
the desorption energy corresponds to the depth of the potential well, B In chemisorption, there
may be an additional activation energy. The binding energy is sometimes approximated as the sum
of non-binding interactions between the adsorbate and the surfaceSource:Minissale et al. (2022)

The rate constant for adsorption can be given as:

Kags =S <v>: (1.15)

Here, S is the sticking probability which tells us the probability that a species is adsorbed
during a collision with the dust grain, = &% is th(g1 geometrical cross-section of the grain
assuming a spherical grain with radiug, and v = 8"3m& is the average thermal speed
of a species. Herég is the Boltzmann constant, Tyss iS the gas temperature andn is the
mass of the species.

Surface Mobility and Reaction Mechanisms

Once adsorbed, depending on the dust temperature, species can move across the grain surface
to encounter and react with other species (Fig. 1.6). This movement is callddusion . Re-
actions occurring as a result of di usion of species are called theangmuir-Hinshelwood

(LH) reactions. Alternatively, gaseous species can directly collide with species on the dust
grain, initiating reactions through a process known as th&ley-Rideal (ER) mechanism.

The mobility of species is crucial in the LH mechanism and grain-surface chemistry in general.
To migrate from one site to another, a species needs a certain amount of energy, known as
di usion energy (Egits ), the height of the potential barrier between two adjacent sites. The
motion of a species from one site to another can be described as a hopping motion. The
timescale of this hopping motion, {,,, can be expressed as:

E
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Figure 1.6: Schematic of various surface processe&ource: loppolo (2010)

where  is the vibrational frequency of the adsorbed species in the potential well ang, 15
the grain temperature. Following Hasegawa et al. (1992), and using the harmonic oscillator
approximation, we can estimate o by

2NsEdes

= (1.17)

0 =
where N is the density of binding sites on the grain surface (1.5 10" cm 2) and Eges iS
the desorption energy (to be discussed in the following section) of the species of the grain.
For light species such as hydrogen and deuterium, quantum tunnelling plays a signi cant
role in their migration between two sites. These species can move from one site to another by
tunnelling through the potential barrier that separates them (Hasegawa & Herbst 1993). For
a one-dimensional rectangular barrier of widtla and height By, the tunnelling timescale
through the barrier is given as

tunn = olexp ?(ZmEbarr)% (1.18)
Here ~ = ZL is the reduced Planck constant. At 10 K, assuming barrier widtta = 1A,
the timescale for tunnelling through the potential barrier between two sites for an H atom
is typically 10 4 s, whereas the hopping timescale at the same temperature can be as
short as 10° s. Therefore, quantum tunnelling occurs much faster than hopping at these
low temperatures and thus plays an important role in regulating the chemistry. The rate
constant of tunnelling can be de ned as

2a
Kwnn = €xp f(2mEban)% X (1.19)

At very low temperatures (10 K), most heavier atoms (C, O, N, etc.) and molecules have

very low mobilities, except hydrogen and deuterium. Hence, it is usually assumed that the
heavier species remain at their sites until an H atom approaches. At these temperatures,
hydrogenation reactions play a crucial role in gas-grain reactions.

From the hopping timescale de ned in Eq. 1.16, we can estimate the timescale for a species
to scan every site on a grain surface. This timescale is called the di usion timescale. It is
de ned as:
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taitt = ThopNs (1.20)

where n, represents the number of sites on the grain surface. Assuming the grain is spherical,
this number is related to the grain radius, g and density of surface sites, N as follows:

ns= Ngdag: (1.21)

For two species,j and k, moving on the surface of a grain, the rate constant for reactions
between them can be given as

diff diff
ik R. + R
Ky = ——— K (1.22)
Ng

Here, represents the branching ratio of the reaction, andj. is the e ciency of the reaction.
For exothermic reactions without an activation barrier, j. is equal to unity. For reactions
with an activation barrier, j varies asexp (-E/T qust), Where E, is the activation energy
of the reaction. R'f is the thermal di usion rate for a species and is given by
|
RIM = Oexp E aiff; (1.23)
Ns Tq

The ratio of Egy /E 4es dictates the surface mobility of a species. Astrochemical models
typically express Ejir = f Eqes, Wheref is a fraction assumed to be constant for all adsorbed
species. Most models adopt values férbetween 0.3 and 0.7 (Hasegawa et al. 1992; Ru e
& Herbst 2000; Vasyunin & Herbst 2013; Riedel et al. 2023). Recent experiments by Furuya
et al. (2022) demonstrated that this fraction can vary depending on the adsorbed species,
with f values as low as 0.2. Hence, there is a critical need for more experimental data to
better constrain this parameter.

Desorption

Species adsorbed on grain surfaces can return to the gas phase through a process known
as desorption , which requires energy, referred to as thdesorption energy (E ges). For
physisorption, the desorption energy approximately equals the binding energy with the sur-
face (Fig. 1.5a). For chemisorption, additional energy is needed to overcome the dynamical
barrier due to the formation of chemical bonds between the surface and the adsorbed species
(Fig. 1.5b).

Desorption can occur through thermal or non-thermal mechanisms. A species is desorbed
thermally when it gains su cient thermal energy from the dust grain to overcome its binding
energy with the grain. The thermal desorption rate constant per molecule or atom from the
grain surface is given by:

ki = oexp( Edes:kBTg); (1.24)
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where o - the pre-exponential factor - is the vibrational frequency of the atom or molecule
perpendicular to the surface. Based on eq. 1.17, its value is of the order of?10 10"

s ! for most species in the ISM. Both g and , are determined experimentally orvia
computational methods. This is discussed in detail in Chapter 2. As the temperature
increases, di usion competes with thermal desorption.

At the low temperatures found in cold clouds, non-thermal desorption mechanisms are nec-
essary for explaining the observed gas-phase abundances of many species. These mechanisms
include desorption driven by UV photons, cosmic ray-induced desorption, and reactive des-
orption. UV photons from the interstellar radiation eld can penetrate the outer regions of
dense clouds, interacting with ices and causing the desorption of adsorbed species. Within
the dense clouds, UV photons are produced when cosmic rays or X-rays collide with H
Cosmic-ray induced desorption is a non-thermal mechanism where a cosmic ray impacts a
grain, heating it and causing adsorbed species to desorb. This process is further detailed
in section 3.2.3. Reactive desorption occurs when the product of an exothermic chemical
reaction gains su cient excess energy to overcome the species-surface bond, resulting in its
desorption from the surface. Most theoretical models assume a desorption e ciency of 1
- 10% for all species, based on the work of (Garrod et al. 2007) and Vasyunin & Herbst
(2013). Recent experimental studies (Minissale et al. 2016; Chuang et al. 2018), on the
contrary, indicate that the e ciency of reactive desorption varies depending on the speci c
chemical reaction and the composition of the surface. However, further research is needed
to better constrain and understand this mechanism.

1.3 Ammonia

Nitrogen, the fth most abundant element in the Universe, is crucial to form molecules like
amino acids and nucleobases, which are precursors to life. N-bearing molecules have been
observed across a variety of regions like di use clouds (Liszt & Lucas 2001), dark and dense
clouds (Caselli et al. 2002a,b), and protoplanetary disks (Salinas et al. 2016). Complex
N-bearing species have been observed towards prestellar cores (Jimrenez-Serra et al. 2016;
Megas et al. 2023), Class 0 low-mass protostars (Nazari et al. 2021), and the Galactic Centre
(Zeng et al. 2018). A signi cant advantage of N-bearing molecules, such agtN and NHs,

is their resistance to gas-phase depletion compared to common tracers like CO (Caselli et al.
2002b; Aikawa et al. 2005; Flower et al. 2006; Bergin & Tafalla 2007; Sipila et al. 2015).
The binding energy of N atoms was found to be slightly lower than expected (Minissale
et al. 2016) but well below that of O, CO, and N, changing the hierarchy of their volatility,
making N atoms more resistant to freezeout. Moreover, the e ective binding energy ot N

is considerably reduced by the presence of CO molecules (Nguyen et al. 2018), which would
also make this molecule more resistant to depletion. Therefore, nitrogen-bearing molecules
have been crucial molecular tracers of the inner core regions (Bergin et al. 2006; Friesen et al.
2009; Pineda et al. 2010, 2011, 2015; Chitsazzadeh et al. 2014), providing valuable insights
into the kinematics and evolution of these sources.

Despite its fundamental role in prebiotic chemistry, many aspects of nitrogen chemistry
remain poorly understood. A key unresolved question concerns the elemental partitioning of
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nitrogen in the interstellar medium (ISM). In dense clouds and cores, the primary nitrogen
reservoirs are atomic nitrogen (N) and molecular nitrogen (}Y; however, how the remaining
nitrogen is distributed is not yet well established. One potential reservoir is ammonia (NH
which may play a signi cant role in the nitrogen budget of these environments.

Ammonia is one of the simplest N-bearing molecules. It was the rst polyatomic molecule
detected in the ISM by Cheung et al. (1968) through itsJ,K) = (1,1) inversion transition
towards the Galactic Centre. Ammonia has been widely observed in a variety of environ-
ments including molecular clouds (Irvine et al. 1987), prestellar cores (Crapsi et al. 2007),
the Galactic Centre (Winnewisser et al. 1979), di use clouds (Liszt et al. 2006), galaxies
(Sandqvist et al. 2017; Gorski et al. 2018), star-forming regions (Feler et al. 2022), comets
(Poch et al. 2020), and planet-forming disks (Salinas et al. 2016). It is one of the six major
molecules found in interstellar ices in the solid form (Boogert et al. 2015). Ammonia is also
a robust temperature probe in molecular clouds making it a valuable tracer for dense gas
(Ho & Townes 1983; Walmsley & Ungerechts 1983; Maret et al. 2009).

The molecule has a trigonal pyramidal structure (Fig. 1.7), with one nitrogen atom cova-
lently bonded to three hydrogen atoms. The nitrogen atom carries a lone pair of electrons,
which repels the bonding electron pairs of the hydrogen atoms. This repulsion results in
a bond angle of approximately 107 instead of the expected 109%5for a regular tetrahe-
dral arrangement. This structural con guration imparts a dipole moment to the molecule,
rendering it polar and, consequently, observable using its rotational spectra.

The rotational dynamics of ammonia is characterised by two quantum numbers, J and K,
denoting the total angular momentum and the projection of the total angular momentum on
the principal molecular axis, respectively. Transitions of the form ¥ K, for a given K, occur
rapidly (within 10 - 100 seconds) through far-infrared J = 1 transitions, and are denoted
as nonmetastable. On the other hand, transitions of the form J = K, termed metastable,
are stimulated by collisions rather than radiation. Hence, the population ratio between two
states serves as an accurate indicator of the gas kinetic temperatufg .

Figure 1.7: Ortho- and para- spin con gurations of ammonia.

Ammonia exists in two distinct forms (Fig. 1.7) determined by the orientation of the hy-
drogen atoms: the ortho-state (K = 3n, wheren is an integer) and the para-state (K, 3n).

In the ortho-state, all hydrogen atoms have parallel spins. In contrast, the para-state has
hydrogen atoms with non-parallel spins. For example, theJ(K) = (0,0), (1,1), (2,2) and
(4,4) are examples of para-states while (3,3) and (6,6) are examples of the ortho-state (Fig.
1.8). Interconversion between the ortho- and para-states in the gas phase typically does not
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occur through normal radiative or collisional transitions. However, reactive collisions with
protons and protonated species can cause mixing of ortho- and para-species by scrambling
protons within the reaction complex. These interconversion processes are nearly thermoneu-
tral, implying they proceed more slowly compared to exothermic reactive pathways. The
rotational temperature between ortho- and para-species, known as the spin temperature, is
crucial for determining the formation temperature of ammonia.

Figure 1.8: Energy level diagram of the rotational inversion states of NH;. Here, J represents
the total angular momentum quantum number, and K denotes the projection of the total angular
momentum on the principal molecular axis. Each (,K) level is split into doublets due to the
quantum mechanical tunnelling of the N atom through the plane of the hydrogen atoms. Source:
Ho & Townes (1983)

The nitrogen atom can quantum mechanically tunnel through the plane of the hydrogen
atoms due to a low potential barrier of around 24.7 kJ/mol leading to the inversion of the
molecule. This tunnelling causes the spin of the nitrogen nucleus to align either parallel or
anti-parallel to the geometry of the molecule resulting in the splitting of eachJ(K ) energy
level into doublets (Fig. 1.8). These lines are closely spaced allowing the telescope-receiver
combination to be used in observations for sources with similar beam sizes, minimising
calibration uncertainties in measured line ratios. These inversion doublets are further split
into multiple components, known as hyper ne transitions. This additional splitting occurs
due to the interaction between the electric quadrupole moment of the nitrogen nucleus and
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the electric eld gradient created by the surrounding electrons, as well as due to weaker
magnetic interactions from the 3 H nuclei. For example, the (1,1) inversion line of ammonia
has 18 hyper ne components (Fig. 1.9), and the (2,2) line features a total of 21 components,
and so on.

Figure 1.9: Hyperne levels of the (J,K) = (1,1) of NH 3 showing the inversion doublets,
quadrupole, and magnetic hyper ne components.Source: Ho & Townes (1983)

This molecule serves as an invaluable tool for probing the interstellar medium, thanks to
its distinctive properties discussed above. These include the presence of metastable and
nonmetastable states, ortho- and para-species, inversion motion, and hyper ne structures,
all of which can be used to derive the physical and chemical conditions of various regions
within the ISM.

1.4 Radiative Transfer

This section is based on the derivation from Mangum & Shirley (2015)

Information about the various phenomena in the ISM is communicated to observevsa
electromagnetic radiation. As the radiation travels through space, it undergoes absorption,
emission and scattering by the atoms and molecules in the medium between the Earth
and the source. To accurately interpret observational data, radiative transfer models are
essential. By integrating these models with predictions from astrochemical models (discussed
in section 3.1.1), astronomers can predict the detectability of speci ¢ species, improving our
understanding of the physical properties of astrophysical objects. In the present work, we will
adopt a similar approach in chapter 3 to verify the detectability of our results of ammonia.
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This section will explain the fundamental theory of radiative transfer necessary to understand
how this is achieved.

Figure 1.10: Schematic representing the variation in intensity of radiation from a source,| (0),
to the observed intensity, | , after passing through a column of material of length, dx.

The intensity of radiation that reaches the Earth after interaction with the ISM between the
observer and the source can mathematically be described by the radiative transfer equation:

dl

&: I+ (1.25)

Equation 1.25 gives the change in intensitydl , of light of a given frequency from a source
after propagation through an in nitesimal length, dx, through a medium. Here, is the
absorption constant andj is the emissivity. Since the propagation path of the radiation is

usually unknown, the quantity , called the optical depth is used instead which is de ned
as

d =  dx: (1.26)

The radiative transfer equation then becomes,

d =sd 1d ; (1.27)

where S is the source function de ned as

s=1. (1.28)
Multiplying both sides of eq. 1.27 bye and integrating from =0and | =1 (0) along
the line of sight, we get the intensity ( ) measured by the observer
Z o
Il =1 (e + exp ( %S d ©: (1.29)
0

The rstterm in this equation gives the background intensityl (0) attenuated by the medium
between the source and the observer by a facter . The second term is the integrated
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emission,S d © attenuated by the medium between the observer and the point of emission
by a factor exp[ ( 9.

Assuming the medium to be in nitely optically thick and behaving like a blackbody, then

= B . If the medium is physically and chemically uniform with a temperature, L, along
the line of sight. This means that the source function remains constant. Then, from eq.
1.27,

0=dl =Sd Bd ; (1.30)

i.e., the source function is equal to the Planck function, that isS = B (Tex) at T . Here,
Tex IS the excitation temperature which is de ned as

(1.31)

and n is the population in the upper ) and lower (1) energy levels for a transition with
frequency . If we consider Ty to be constant, eq. 1.29 becomes

| =1 (0e +B (Tl e ]: (1.32)
When the medium is optically thick, i.e., 1, eq. 1.32 implies that
| =B (Tex): (1.33)

This means that the observed intensity is from the source function of the medium itself,
which, under the earlier assumption, resembles a blackbody spectrum since the incident
intensity does not penetrate the medium.

When the medium is optically thin, i.e., 1, and applying a Taylor expansion of the
exponent in eq. 1.32, we have the following scenarios:

1. When the background intensity is negligible, (1(0) ! 0)

I = B (Tex) (1.34)

2. When the background intensity is signi cant
I =1 0)+ (B (Tex) | (0) (1.35)

If1 (0) > B (Tex), the intensity observed is reduced. Conversely, if(0) < B (T ), intensity
is added to the radiation we observe.

The intensity we observe from molecular line measurements is the di erence between the
background intensity, B (T »g) and radiation from the source. Hence:
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=1 1(0)=[B (Te) B (Tolll e [ (1.36)

If we replace the speci c intensityl with Rayleigh-Jeans equivalent temperature which is
the equivalent temperature of a blackbody at temperature T,

h_

J(M)= —FK—; (1.37)
exp(l) 1
and introduce the concept of brightness temperature, gl, which is the equivalent tempera-
ture that a black body would have in order to emit the radiation intensity | , where
C2
Ts oK 2 (1.38)
B (T) can be related toJ (T) as
C B m=Jm (1.39)
2k 2 - '

Then the radiative transfer equation can be expressed in terms of the brightness temperature
as follows

Te = f[J (Tex) J (Toglll exp( )] (1.40)

wheref is the beam- lling factor which is the fraction of the beam solid angle of telescope
antenna lled by the source solid angle.

To understand the structure of a source and the interstellar medium better, it is important
to obtain parameters such as molecular abundances, density, and kinetic temperature. The
column density is an essential quantity that can be used to derive these physical conditions.
The column density is simply the number of molecules per unit area along the line of sight.
It can be expressed as the number of molecules in an energy lavehtegrated over the
pathlength ds:

z
N, = nuds: (1.412)

The column density and the optical depth can be related to each other by

! # 17

exp :T 1 dv; (1.42)

3h
N, = ———
83 j?

where the conversiorf- = %" has been applied to switch from frequency units to velocity.
The full derivation can be found in Mangum & Shirley (2015). Equation 1.42 gives us the
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expression for the column density of emission for molecules in the upper transition state
The quantity j 1,j2 is the dipole matrix element for transition from the upper energy state
to a lower energy statd. Now, usingN,, we can calculate the total population of all energy
levels in the moleculeNy, using the expression

NtOt - QI’Ot ELI

ex 1.43
Ne o P kT (1.43)

The quantity Q. is the rotational partition function and describes the statistical sum over
all rotational energy levels in the molecule andg, is the degeneracy of the energy level
Substituting eq. 1.42 in eq. 1.43, we get the following expression gy

! #az

3 Qu E, exp ITT 1 dv: (1.44)

Niot = — ex
ot 8 3] Iqu gu p kTex

As previously mentioned, radiative transfer models are powerful tools to understand the
relationship between the observed emission from a source and its physical conditions. These
models can, conversely, evaluate the observability of emission (for example, by simulating
emission lines, column densities, etc) based on a speci ¢ set of initial conditions. This latter
approach will be used in the present work.

1.5 Thesis Content

With the necessary background established, the next chapters will present the results of our
research, which are obtained through experimental and numerical modelling approaches. A
brief summary of each chapter is provided below:

1. Chapter 2 examines the desorption behaviour of ammonia in mixed ices, determines
its binding energy on various water ice substrates, and assesses the overall impact on
the ammonia snowline using an experimental approach.

2. Chapter 3 discusses the application of the experimentally determined binding energy
values in models of pre- and protostellar cores. The impact of varying binding energy on
the chemistry and evolution of these sources is examined using gas-grain astrochemical
networks and radiative transfer modelling.

3. Chapter 4 investigates the formation of ammonia on cold surfaces through the suc-
cessive hydrogenation of nitrogen atoms, integrating both experimental methods and
gas-grain modeling approaches.

4. Chapter 5 provides a brief summary of the research presented in this thesis and
explores future prospects and potential directions for further investigation.

26



BIBLIOGRAPHY CHAPTER 1

Bibliography

Aikawa, Y., Herbst, E., Roberts, H., & Caselli, P. 2005, The Astrophysical Journal, 620, 330
Bergin, E. A., Maret, S., van der Tak, F. F., et al. 2006, , 645, 369

Bergin, E. A. & Tafalla, M. 2007, Annu. Rev. Astron. Astrophys., 45, 339

Boogert, A. A., Gerakines, P. A., & Whittet, D. C. 2015, Annual Review of Astronomy and
Astrophysics, 53, 541

Burke, D. J. & Brown, W. A. 2010, Physical Chemistry Chemical Physics, 12, 5947

Caselli, P., Benson, P. J., Myers, P. C., & Tafalla, M. 2002a, The Astrophysical Journal,
572, 238

Caselli, P., Walmsley, C., Zucconi, A., et al. 2002b, The Astrophysical Journal, 565, 344
Cazaux, S., Tielens, A., Ceccarelli, C., et al. 2003, The Astrophysical Journal, 593, L51

Cheung, A., Rank, D. M., Townes, C., Thornton, D. D., & Welch, W. 1968, Physical Review
Letters, 21, 1701

Chitsazzadeh, S., Di Francesco, J., Schnee, S., et al. 2014, , 790, 129
Chuang, K. J., Fedoseev, G., Qasim, D., et al. 2018, , 853, 102

Crapsi, A., Caselli, P., Walmsley, M. C., & Tafalla, M. 2007, Astronomy & Astrophysics,
470, 221

Draine, B. T. 1978, Astrophysical Journal Supplement Series, vol. 36, Apr. 1978, p. 595-619.,
36, 595

Ferer, O., Toth, L. V., Kraus, A., et al. 2022, The Astrophysical Journal Supplement Series,
258, 17

Flower, D. R., Pineau Des Forets, G., & Walmsley, C. M. 2006, , 456, 215

Friesen, R., Di Francesco, J., Shirley, Y., & Myers, P. 2009, The Astrophysical Journal, 697,
1457

Furuya, K., Hama, T., Oba, Y., et al. 2022, The Astrophysical Journal Letters, 933, L16
Garrod, R. T., Wakelam, V., & Herbst, E. 2007, Astronomy & Astrophysics, 467, 1103
Gorski, M., Ott, J., Rand, R., et al. 2018, The Astrophysical Journal, 856, 134

Habing, H. 1968, Bulletin of the Astronomical Institutes of the Netherlands, Vol. 19, p. 421,
19, 421

Hasegawa, T. |. & Herbst, E. 1993, Monthly Notices of the Royal Astronomical Society, 261,
83

27



BIBLIOGRAPHY CHAPTER 1

Hasegawa, T. ., Herbst, E., & Leung, C. M. 1992, , 82, 167
Ho, P. T. & Townes, C. H. 1983, Annual Review of Astronomy and Astrophysics, 21, 239

loppolo, S. 2010, PhD thesis, Universiteit Leiden, surface formation routes of interstellar
molecules: a laboratory study

Irvine, W., Goldsmith, P., Hjalmarson, A., Hollenbach, D., & Thronson, H. 1987, Reidel
Dordrecht, 561

Jessberger, E. K., Stephan, T., Rost, D., et al. 2001, in Interplanetary dust (Springer),
253{294

Jimenez-Serra, |., Vasyunin, A. ., Caselli, P., et al. 2016, The Astrophysical Journal Letters,
830, L6

Keto, E. & Caselli, P. 2008, The Astrophysical Journal, 683, 238

Larson, R. B. 1969, Monthly Notices of the Royal Astronomical Society, 145, 271
Liszt, H. & Lucas, R. 2001, Astronomy & Astrophysics, 370, 576

Liszt, H., Lucas, R., & Pety, J. 2006, Astronomy & Astrophysics, 448, 253

Mangum, J. G. & Shirley, Y. L. 2015, Publications of the Astronomical Society of the Paci c,
127, 266

Maret, S., Faure, A., Scifoni, E., & Wiesenfeld, L. 2009, Monthly Notices of the Royal
Astronomical Society, 399, 425

Megas, A., Jinenez-Serra, ., Martn-Pintado, J., et al. 2023, Monthly Notices of the Royal
Astronomical Society, 519, 1601

Minissale, M., Aikawa, Y., Bergin, E., et al. 2022, ACS Earth and Space Chemistry, 6, 597
Minissale, M., Congiu, E., & Dulieu, F. 2016, Astronomy & Astrophysics, 585, A146
Minissale, M., Dulieu, F., Cazaux, S., & Hocuk, S. 2016, , 585, A24

Nazari, P., van Gelder, M., Van Dishoeck, E., et al. 2021, Astronomy & Astrophysics, 650,
A150

Nguyen, T., Baouche, S., Congiu, E., et al. 2018, Astronomy & Astrophysics, 619, A111
Oberg, K. I. & Bergin, E. A. 2021, Physics Reports, 893, 1

Pagani, L., Bacmann, A., Cabrit, S., & Vastel, C. 2007, , 467, 179

Persson, M. V. 2014, SEDs of the di erent protostellar evolutionary stages.

Pineda, J. E., Goodman, A. A., Arce, H. G., et al. 2010, The Astrophysical Journal Letters,
712, L116

28



BIBLIOGRAPHY CHAPTER 1

Pineda, J. E., Goodman, A. A., Arce, H. G., et al. 2011, The Astrophysical Journal Letters,
739, L2

Pineda, J. E., O ner, S. S., Parker, R. J., et al. 2015, Nature, 518, 213

Poch, O., Istigomabh, I., Quirico, E., et al. 2020, Science, 367, eaaw7462

Riedel, W., Sipila, O., Redaelli, E., et al. 2023, Astronomy & Astrophysics, 680, A87
Robitaille, T. P. & Whitney, B. A. 2010, The Astrophysical Journal Letters, 710, L11

Rue, D. P. & Herbst, E. 2000, Monthly Notices of the Royal Astronomical Society, 319,
837

Sahoo, S. 2016, Episodic Accretion in V2493 Cyg.

Salinas, V. N., Hogerheijde, M. R., Bergin, E. A., et al. 2016, Astronomy & Astrophysics,
591, A122

Sandqyist, A., Hjalmarson, A., Frisk, U., et al. 2017, Astronomy & Astrophysics, 599, A135
Shannon, R. J., Blitz, M. A., Goddard, A., & Heard, D. E. 2013, Nature chemistry, 5, 745
Sipil, O., Harju, J., Caselli, P., & Schlemmer, S. 2015, , 581, A122

Vasyunin, A. & Herbst, E. 2013, The Astrophysical Journal, 769, 34

Walmsley, C. & Ungerechts, H. 1983, Astronomy and Astrophysics (ISSN 0004-6361), vol.
122, no. 1-2, June 1983, p. 164-170., 122, 164

Winnewisser, G., Churchwell, E., & Walmsley, C. 1979, Astronomy and Astrophysics, vol.
72, no. 1-2, Feb. 1979, p. 215-223., 72, 215

Zeng, S., Jimenez-Serra, I., Rivilla, V., et al. 2018, Monthly Notices of the Royal Astronom-
ical Society, 478, 2962

29



Experimental study of the binding energy of
NHs3 on di erent types of ice and its impact on
the snow line of Ngland HO

The contents of this chapter are published istronomy & Astrophysics Kakkenpara Suresh
et al. (2024).

2.1 Introduction

N-bearing molecules, as previously discussed, are considered to be excellent tracers of dense
and cold interstellar regions. Recent work using multi-transition studies done with the IRAM
30m antenna and high sensitivity interferometric observations with ALMA and JVLA have
shown that these molecules freeze out within the central region of pre-stellar cores (e.g.
Redaelli et al. 2019; Caselli et al. 2022; Pineda et al. 2022), although at higher densities than
CO. Gas-grain astrochemical models are able to reproduce the observations (Caselli et al.
2022; Pineda et al. 2022). Still, they are limited by uncertainties in such factors as the binding
energies of NH and knowledge of its surface chemistry. Following the work of Collings et al.
(2004), Penteado et al. (2017) derived binding energies for several species, including.NH
Similarly, Collings et al. (2004), He et al. (2016), and Suhasaria et al. (2015) have studied
the desorption properties of NH from various substrates. However, the binding energies
of NH3, the importance of surface chemistry for its formation, and its chemical desorption
e ciency (Caselli et al. 2017; Sipila et al. 2019) are still not well constrained, highlighting
the need for further investigation.

Kruczkiewicz et al. (2021) have shown that ammonia can be e ciently stored in the form
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of ammonium salts, which at higher temperatures decompose to release ammonia into the
gas phase irrespective of the presence or absence of water. This release into the gas phase
occurs at a temperature higher than that of the desorption of water ice (T 154 K) but
lower than room temperature. This implies that ammonia could remain on grains closer to a
young stellar object than the water snow line. The majority of NH in the ice mantles should
therefore be free to interact with the major components of interstellar or cometary ices such
as water, CQ, or CO. Similarly, Poch et al. (2020) have demonstrated that ammonium
salts are a dominant nitrogen reservoir on cometary surfaces, explaining the low measured
cometary nitrogen-to-carbon ratio as compared to that of the Sun. Finally, as ammonia ice
is one of the major nitrogen reservoirs in star-forming region®perg et al. 2011), knowledge
of the ammonia snow line is crucial when considering the formation and evolution of more
complex N-bearing species in planetary systems.

The aim of the work in this chapter is to experimentally study the behaviour of ammonia

in the presence of di erent components of molecular ice mantles, such asdy CO, and
CO,. The binding energy of ammonia on di erent water ice substrates, namely, compact
amorphous solid water ice (c-ASW) and crystalline ice (Cl) are also obtained. Additionally,
experiments are performed to determine the snow line of ammonia. The chapter is organised
as follows: Section 2.2 describes the experimental set-up; Section 2.3 details the experiments
and the results; Section 2.4 discusses the conclusion and future prospects.

2.2 Experimental Set-up and Methods

The experiments are conducted on the multi-beam Ultra High Vacuum (UHV) setup VENUS
(VErs des NoUvelles Syntheses), which simulates the physical conditions found in cold molec-
ular clouds (Congiu et al. 2020). This setup is located at LERMA (Laboratoire &tude du
Rayonnement et de la Matere en Astrophysique et Atmosplerique) at the CY Cergy Paris
University. VENUS is designed to study astrochemically relevant surface reactions via non-
energetic processes under low temperature and pressure conditions similar to those in the
ISM. It is suitable for studying both very thin layers (from submonolayer to one monolayer)
and thick layers of pure and mixed ices. The setup (Fig. 2.1) is comprised of dierent
components:

1. An Ultra High Vacuum (UHV) chamber called themain chamber

A sample holder attached to a cryostat, mounted in the main chamber

A Quadrupole Mass Spectrometer (QMS) within the main chamber

A Fourier Transform Re ection Absorption Infrared Spectrometer (FT-RAIRS)

Four seperate beamlines to inject species onto the sample holder

S T

An intermediary stage between each beamline and the main chamber, consisting of two
chambers (Chl and Ch2)

In the following sections, each of these components will be described in detail.

31



2.2. EXPERIMENTAL SET-UP AND METHODS CHAPTER 2

2.2.1 The Main Chamber

VENUS consists of a stainless steel UHV chamber (Fig. 2.1, henceforth referred to as the
main chamber) which can reach a base pressure of up to a few ¥Ombar via di erential
pumping. Such low pressures are attained using a turbo-molecular pump connected to the
main chamber, with the pressure stability monitored by a cold cathode gauge. The accretion
time of typical pollutants (H,, H,O, CO) at this pressure is much longer than the duration
of an average experiment. For instance, forming 1 MLof water ice at these pressures takes
around 5000 minutes ( 83 hours, Accolla 2010). Similarly, it takes about 2.5 hours to accrete
1ML H, on the surface (assuming a surface site density of approximately10*® cm 2 and

a collision rate of 18 molec cm? s 1) (Woodru 2016). Therefore, experiments can be
performed on a clean surface with the contamination amounting to only a few percent of a
monolayer.

Depositions are made on a gold-coated copper sample holder within the main chamber. The
sample holder is attached to the cold nger of closed-cycle He cryostat. The temperature
of the sample holder can be varied between 7 and 400 K via a computer-controlled resistive
heater. The gold surface, approximately 9 mm in diameter, is optically at, chemically
inert, and ensures optimal mid-infrared light re ectance. The cryo-cooler, to which the gold
surface is attached, can be moved in and out of the main chamber, as well as horizontally
and vertically.

Figure 2.1: Schematic top view of Venus.Source: Congiu et al. (2020)

IML = Monolayer, corresponds to 10'® molecules/cn?
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Figure 2.2: Inside view of the main chamber showing the deposition surface, the QMS, the
infrared window, and the direction of the incoming gas source. The QMS here is in the \high"
position where it is in front of the deposition surface and the beamlines. During deposition, the
QMS is lowered to the \low" position to allow the gas to be deposited onto the surface.

2.2.2 The Quadrupole Mass Spectrometer

A Quadrupole Mass Spectrometer (QMS, Hiden 51/3F), mounted at the bottom of the main
chamber (Fig. 2.2), is used to probe the composition of the beams and study the species
desorbed from the gold substrate during Temperature Programmed Desorption (TPD) ex-
periments. The QMS can be translated vertically or rotated to examine species in the mass
range of 1 to 300 amu.

During vertical translation, the QMS can be positioned in either the \low" or \high" position.

In the \low" position, the QMS inspects the composition of residual gas species in the main
chamber. In the \high" position, it serves two purposes: when positioned in front of the
beamline, it probes beam intensity and composition, verifying beam alignment accuracy;
when positioned in front of the deposition surface, it records the species desorbed from the
surface during TPD. During deposition, the QMS is lowered to the \low" position. The QMS

is controlled via software provided by Hiden, allowing control over technical settings such as
the energy of the ionising electrons and the dwell time for each mass.

The QMS consists of an ioniser and four parallel cylindrical (or hyperbolic) rods. The
incoming gas is ionised by the ioniser through collisions with electrons produced by a hot
lament, then moves to the quadrupole rods, which act as a mass analyser, separating the
ions based on their mass-to-charge ratim/z) . This is achieved by applying a voltage to
the adjacent and opposite rods such that, for a given voltage, only ions of a speamzz will
reach the QMS detector. The other ions collide along the length of the rods. The voltage is
constantly varied, enabling the QMS to scan multiple masses in a short duration of time.
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